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Stellar Properties

• Initial mass function

• Observed to be relatively independent of initial conditions, at least in our Galaxy

• Star formation rate and efficiency

• Observed to be 3-6% of gas mass per free-fall time (Evans et al. 2009)

• Multiplicity

• Observed to be an increasing function of primary mass

• Separations, mass ratios, eccentricities

• High order systems (triples, quadruples)

• Protoplanetary discs

• Masses, sizes, density distributions



Bate 2009a:   500 M  cloud with decaying turbulence, 35 million SPH particles
                   Follows binaries to 1 AU, discs to ~10 AU
                   Forms 1254 stars and brown dwarfs - best statistics to date from a single calculation



Multiplicity as a Function of Primary Mass

• Multiplicity fraction = (B+T+Q) / (S+B+T+Q)

• Observations: Close et al. 2003; Basri & Reiners 2006; Fisher & Marcy 1992;  
Duquennoy & Mayor 1991; Preibisch et al. 1999; Mason et al. 1998



Stellar Mass Distribution
• Competitive accretion/ejection gives

• Salpeter-type slope at high-mass end

• Low-mass turn over

• ~4 times as many brown dwarfs as a typical star-forming region
• Not due to sink particle approximation - results almost identical for different sink parameters



Additional Physics

• Radiative transfer

• Developed a method for implicit two-temperature grey flux-limited diffusion within SPH 
(Whitehouse, Bate & Monaghan 2005; Whitehouse & Bate 2006)

• Star cluster simulations: Bate 2009b

• Magnetic fields

• Developed by: Price & Monaghan 2005; Price & Rosswog 2006; Rosswog & Price 2007

• Use Euler potentials: 

• Star formation simulations: Price & Bate 2007; Price & Bate 2008

• Radiation magnetohydrodynamics

• Star cluster simulations: Price & Bate 2009

B = ∇α ×∇β



Star Cluster Formation with Radiative Feedback

• Repeat Bate, Bonnell & Bromm 2003,   Bate & Bonnell 2005

• 50 M  molecular clouds, Decaying `turbulence’ P(k)∝k-4

• Diameters 0.4 pc and 0.2 pc, Mean thermal Jeans masses 1 M   and 1/3 M

• 3,500,000 SPH particles

• Sink particles

• Original calculations:   Sink Radii 5 AU,  gravity softened within 4 AU

• Radiative transfer calculations:   Sink Radii 0.5 AU,  no gravitational softening

• Radiative transfer

• No feedback from protostars

• Intrinsic protostellar luminosity unimportant

• Accretion luminosity underestimated (energy liberated from 0.5 AU to stellar surface)

• Gives a lower limit on the effects of radiative feedback



BBB2003: Typical molecular cloud
Jeans mass 1 M , Opacity limit 3 MJ, P(k)∝k-4 BBB2003, but with Radiative Transfer

http://www.astro.ex.ac.uk/people/mbate



BBB2003: Typical cloud: Jeans mass 1 M , P(k)∝k-4

with Radiative Transfer

Mass weight temperature (Log 9-100 K)Log Column Density



Impact of Radiative Feedback

• Bate, Bonnell & Bromm (2003)

• “Typical” density 50 M  molecular cloud (~104 cm-3)

• Bate & Bonnell (2005)

• Denser 50 M  cloud (~105 cm-3)

Stars Brown Dwarfs Total

Barotropic Equation of State 23 27   50    (1.40tff)

Radiative Transfer 11 2    13    (1.40tff)

Stars Brown Dwarfs Total

Barotropic Equation of State 19 60   79   (1.40tff)

Radiative Transfer 14 3   17   (1.40tff)



Radiative Feedback and the IMF

• Radiative feedback brings the star to brown dwarf ratio in line with 
observations

• Observations suggest a ratio of 5 ± 2

• Chabrier 2003; Greissl et al. 2007; Luhman 2007; Andersen et al. 2008

• Simulations:  25:5 ~ 5

• Furthermore, dependence of the IMF on cloud density is removed

• K-S test on the two IMFs with radiative                                                           
feedback shows them to be indistinguishable

• Bate 2009b

• Heating of the gas surrounding a protostar                                                               
increases the effective Jeans length and mass

• Can show that this effective Jeans mass                                                                                                 
depends very weakly on cloud density

10 M.R. Bate

Figure 7. Histograms giving the differential initial mass functions of the 13, 15, and 17 stars and brown dwarfs that had been produced by the end of the
BBB2003 RT0.5, BBB2003 RT5, and BB2005 RT0.5 calculations, respectively. The single hashed region gives objects that have stopped accreting while the
double hashed region gives those objects that are still accreting. Parameterisations of the observed IMF by Salpeter (1955), Kroupa (2001) and Chabrier (2003)
are given by the magenta line, red broken power law, and black curve, respectively.

Figure 8. The cumulative IMFs produced by all 5 calculations discussed
in this paper. The previously published IMFs from BBB2003 and BB2005
using a barotropic equation of state are given by the thin solid line and thin
dashed line, respectively. The radiation hydrodynamical calculations pre-
sented here are BBB2003 RT0.5 (thick solid line), BB2005 RT0.5 (thick
dashed line) and the large accretion radius BBB2003 RT5 calculation (thin
dot-dashed line). The vertical long-dashed line denotes the boundary be-
tween brown dwarfs and stars. It is clear that the radiation hydrodynamical
calculations produce IMFs with a larger characteristic mass and far fewer
brown dwarfs and low-mass stars than the original barotropic calculations.
Furthermore, whereas BBB2003 and BB2005 showed a clear dependence
of the characteristic stellar mass on the initial Jeans mass of the molecular
clouds (BB2005 began with a denser cloud with a Jeans mass 3 times lower
that produced a median stellar mass 3.04 times lower than BBB2003), when
radiative feedback is included there is no significant dependence of the IMF
on cloud density and the initial Jeans mass. A Kolmogorov-Smirnov (K-S)
test on the BBB2003 RT0.5 and BB2005 RT0.5 distributions gives a 99.97%
probability that the two IMFs were drawn from the same underlying distri-
bution (i.e. they are statistically indistinguishable). By comparison, the two
IMFs from the original barotropic calculations had only a 1.9% probability
of being drawn from the same underlying distribution.

caused by the differing gravitational potentials due to the different
evolutions of the main dense core.

3.1.3 The initial mass functions

The effect of radiative feedback in terminating the production of
new objects within the dense cores after one dynamical timescale
and inhibiting the fragmentation of discs and filaments near ex-
isting protostars has a tremendous effect on the number of ob-
jects formed and the final distribution of stellar masses. Table 1
summaries the numbers of stars and brown dwarfs formed, their
combined mass, and their mean and median masses. The origi-
nal barotropic BBB2003 calculation produced 50 stars and brown
dwarfs in 1.40 tff . However, BBB2003 RT0.5 only produced 13 ob-
jects in the same time and even BBB2003 RT5 with less accretion
luminosity from the protostars produced only 15 objects. Thus, the
inclusion of radiative feedback has cut the number of objects pro-
duced by a factor of ≈ 4. In addition, whereas the original calcula-
tion produced a similar number of stars and brown dwarfs the ratio
of brown dwarfs to stars is 1:3 for BBB2003 RT5. For BBB2003
RT0.5, the ratio is less than 1:5 and both objects with brown dwarf
masses are still accreting when the calculation is stopped.

The much lower fraction of brown dwarfs is due to both the
inhibiting of the fragmentation of discs and nearby filaments (be-
cause such objects are frequently ejected through dynamical inter-
actions, terminating their accretion before they have been able to
accrete much mass) and the suppression of new objects formed
in the dense cores after a dynamical time. In the latter case, it
can be seen in Figure 5 that there is a higher fraction of brown
dwarfs amongst objects formed later in the barotropic calculation
than those formed earlier (top panel). Objects that form later must
compete with the higher-mass protostars for the available gas. Usu-
ally they lose, either being dynamically ejected from the dense core
or at least having their velocities increased relative to the gas so that
their accretion rates drop (Bondi-Hoyle accretion is proportional to
1/v3). Ejections producing brown dwarfs and low-mass stars still
occur, but they are much less common with the inclusion of radia-
tive feedback than they were in the barotropic calculation.

Although the number of objects is decreased by the inclusion
of radiative feedback, the amount of gas that has been converted
into stars at t = 1.40 tff is actually about 15% greater compared to
the barotropic calculation (see Table 1).

The overall result of all of these effects is that the characteris-
tic mass of the IMF moves to higher masses with the inclusion of
radiative feedback and fewer brown dwarfs and low-mass stars are
produced. Comparing BBB2003 RT0.5 with BBB2003, the mean
and median masses have increased by a factor of 4.4 to ≈ 0.5 M!
and ≈ 0.3 M!, respectively (Table 1).

c© 0000 RAS, MNRAS 000, 000–000



Magnetic Fields and Star Formation
Single & Binary Star Formation:  Price & Bate 2007

• Dense core R=4x1016cm=0.013pc =2674 AU

• Embedded in low density medium

• M=1 M  in core

• Initial uniform Bz field

• T = 10K

• Solid body rotation

• Equation of state:

P = Kργ

γ = 1, ρ ≤ 10−14g cm−3,

γ = 7/5, ρ > 10−14g cm−3,
Resolution ~ 300,000 particles in core
(30,000 required to resolve Jeans mass, 

ie. fragmentation)



Magnetic Fields and Binary Formation: Bz



Magnetic Fields and Binary Formation: Bx



Price & Bate (2008)



Density Striations Aligned with Field
• Column density striations seen in simulations and observations

• 12CO striations aligned with magnetic field in Taurus (Goldsmith et al. 2005, 2008)

6 Price & Bate

The Alfvén speed in the initial cloud is given by

vA = 1.57×105cm/s

„
M
Φ

«−1 „
M

50M"

«1/2 „
R

0.1875pc

«−1/2

,

(9)

giving vA = 0, 7.8×103, 1.6×104, 3.1×104 and 5.2×104 cm/s

for the five runs. Thus, the initial turbulent motions in the cloud are

super-Alfvénic in all cases with Alfvénic Mach numbers of∞, 15,
7.3, 3.8 and 2.3 respectively.

The initial magnetic field is defined as a linear gradient in the

Euler potentials on the particles. Since the gradient of the Euler

potentials is computed exactly to linear order (Price & Bate 2007;

Rosswog & Price 2007), the field is thus uniform everywhere (in-

cluding at the free boundary). As the calculation progresses the

field is naturally carried by and thus anchored to a surrounding

medium created by the expansion of the outer layers of the cloud

(see above). This initial evolution of the field is discussed further in

§4.2 and shown for each of the simulations in Figure 4.

It is worth briefly discussing the validity of starting the cal-

culation with an initially imposed uniform magnetic field, since

clearly in reality there will be a mixture of random and or-

dered components in the field of varying magnitude. However,

we also start with a uniform density cloud, so density structure

and non-uniformity in the magnetic field are both generated self-

consistently by the initially imposed turbulent velocity field (as

opposed to starting with pre-existing density structure on which

a magnetic field is imposed). An alternative approach which could

be explored in future calculations might be to start with a turbulent

box containing a magnetic field which has been artificially driven

to a saturated state (in the absence of self-gravity), although even

in this case it is not clear that this would correspond any better to

reality, since molecular clouds are clearly not periodic structures

and the sudden “turning on” of self-gravity is equally question-

able. Starting with a uniform magnetic field does however provide

a meaningful upper limit to the effect of the magnetic field on the

star formation process, since one would expect that any changes in

the field geometry (for example, using oppositely directed fields in

different regions or a field with a large random component) would

tend to decrease the importance of magnetic fields in the star for-

mation process, as it would be easier for the fields to reconnect and

thus dissipate (e.g. Lubow & Pringle 1996).

4 RESULTS

4.1 Global cloud evolution

The evolution of the global cloud is presented in Figure 1, which

shows column density in the cloud at intervals of 0.2 cloud free-fall

times (top to bottom) for the five different runs in order of increas-

ing magnetic field strength (left to right). Thus rows correspond to

snapshots at a fixed time with varying field strength whilst columns

represent a time sequence at a given field strength.

The global cloud evolution at early times (t/tff ≤ 0.4) is
broadly similar in all five cases. Even at t/tff = 1.2 (bottom row
of Figure 1) the main distinguishing features of the hydrodynamic

cloud (overall cloud shape, location of dense regions) remain ap-

parent down to a mass-to-flux ratio of 10. This is so because for

mass-to-flux ratios less than 6 (see §3.3, above), the field does not

play the dominant role in the gas dynamics of the cloud. However,

whilst there are striking differences between the hydrodynamic and

strongly magnetised cases, even in the weaker field runs differences

due to the magnetic field are apparent.

Figure 2. Zoomed-in view comparing the outer parts of the cloud in the

strong field (M/Φ = 3) run (bottom) to the hydrodynamic run (top) at 0.6

free-fall times. The strong magnetic field run shows filamentary structure

in the column density aligned parallel to the field lines (which are approxi-

mately vertical – see Figure 4).

At early times (t/tff < 0.6, top three rows) there are two
main distinguishing characteristics. The first is that the shock struc-

ture produced by the initial turbulent velocity field in the dense re-

gions (which appear yellow in the figure) appears smoother and less

well-defined than in the hydrodynamic case.We interpret this as be-

ing due to the additional pressure support given to the cloud by the

magnetic field. A similar effect is observed in hydrodynamic calcu-

lations when gas pressure is increased (Bate & Bonnell 2005). The

second notable difference is that the filamentary structure appears

more filamentary in the less dense regions, particularly evident in

the strongest field run (M/Φ = 3) at t/tff = 0.4 − 0.6 (espe-
cially in the lower parts of the cloud in the figure). This increased

filamentary structure, or “stripiness” is roughly aligned with the

large scale magnetic field threading the cloud (see Figure 4). At

higher field strengths the field is dominant in these low density re-

gions of the cloud and thus channels the gas flow along the field

lines. A close up view of this structure is shown in Figure 2, com-

paring an enlarged portion of the strongest field run (bottom) at

t/tff = 0.6 to the same region in the hydrodynamic run (top). A
similar alignment of filamentary structure with magnetic field di-

rection has been recently observed in maps of the Taurus molecular

cloud (Goldsmith et al. 2005).

At later times (t/tff > 0.8) there are further differences in
the global cloud evolution. The most obvious of these is that in the

M/Φ = 5 and 3 runs large voids are present in the cloud which are
completely absent from the hydrodynamic calculation (e.g. com-

paring the rightmost panels of the second last and last rows with

the hydrodynamic run). These features appear as a result of large

Figure 1: Integrated intensity of 13CO in Taurus. The scale of antenna temperature corrected for main beam efficiency runs from
0.5 K km s−1 to 10 K km s−1. The strongest emission comes from the “molecular ring”, the B18 cloud, and the L1495 filament.

Figure 2: Integrated intensity of 12CO in Taurus. The scale of antenna temperature corrected for main beam efficiency runs from
1.0 K km s−1 to 12 K km s−1. The diffuse emission is seen in the center and upper left portion of the image. The very striated
nature of this gas is particularly striking. Note also the filaments extending from almost all of the boundaries of the highly molecular
regions.

Protostars and Planets V 2005 8268.pdf

magnetic field. Such strong couplingmay be expected in these low
column density regions, which are more exposed to the ambient
UVradiation field, which maintains a higher degree of ionization.

The origin of these threadlike features and the mechanism by
which they are aligned with the magnetic field are not established,
but we can speculate on several processes thatmay be responsible.
The channel maps of the molecular line emission identify regions
of systematic motions over scales from the resolution limit up to
300Y600. If themagnetic field is well coupled to the neutral gas by
frequent ion-neutral collisions but the magnetic energy is small
with respect to the kinetic energy of the gas, then the field can be
carried by these large-scale flows within the cloud. Correspond-
ingly, the field lines would be stretched along the direction of the
flow. Alternatively, the narrow emission threads may arise from
successive compressions and rarefactions of the gas and magnetic
field produced by magnetosonic waves that propagate perpendic-
ular to the field. Within the subthermally excited regime, which
likely prevails within these regions of low surface brightness,
these column density perturbations would produce corresponding
variations in the 12CO intensity.

6. MOLECULAR GAS AND YOUNG STARS IN TAURUS

The distribution of young stellar objects with respect to the
molecular gas may offer valuable insights to the formation of stars

within a dense interstellar cloud. For comparison with our mo-
lecular images, we adopted the set of pre-main-sequence stars in
the Taurus regions from S. Kenyon (2007, private communication;
Kenyon 2008). This list is composed of data from many surveys
in optical and infrared wave bands.7 The pre-main-sequence stars
are divided into three populations according to their colors. If the
R!K magnitude is larger than 8, the star is categorized as likely
to be a Class I or younger source. If R!K is smaller than 8, the
source is likely to be a T Tauri star. If the source is not detected in
eitherR orK, it is likely to be extended/nebulous, in which case it
is probably still a protostar, younger than a T Tauri star. In the
region covered by our map, there are a total of 230 stars, 18 of
which are Class I or younger, 44 are extended, and 168 are likely
to be T Tauri stars. The stars are shown overlaid on the distribu-
tion of the H2 column density in Figure 14. The distribution of
pre-main-sequence stars generally follows that of the dense gas,
although many of the stars in the older category are located in
regions with only diffuse gas emission. As noted by Hartmann
(2002), the young stars are grouped in three nearly parallel bands
that are associated with Heiles’ Cloud 2/L1521/B213/L1495,
B18/L1506, and L1536.

The relationship between H2 column density and stellar pop-
ulation is examined further in Figure 15. Roughly equal numbers
of stars can be found in each of the column density bins spanning
the range from 0 to 6:5 ; 1021 cm!2 (top left panel ). Although
the number of stars drops toward higher column density regions,
such a direct examination of the distribution of stars is somewhat
misleading, inasmuch as our map includes a substantial area with
very weak or no carbon monoxide emission, as shown in the top
right panel of Figure 15. The surface density of stars versus col-
umn density is plotted in the bottom left panel. A significant jump
in the surface density occurs at around N (H2)¼ 6 ; 1021 cm!2,
or roughly Av ¼ 6, suggestive of a threshold for star formation.
Note that the same trend is visible even in a sample of mostly
T Tauri stars (bottom right panel ).

In Taurus, neither the dispersion of gas due to star formation
nor the dispersion of stars due to stellar motion is likely to have
altered the collocation of very dense gas and highly extincted
young stars. The threshold in column density for star formation
is consistent with the conclusion of Mizuno et al. (1995), with
the difference that we find a higher threshold of 6 ; 1021 cm!2,
instead of 3 ; 1021 cm!2. Given the larger number of pre-main-
sequence stars available for the present work, the significance of
the change in the stellar surface density is also higher.

With our rather complete coverage of gas and stars, we can ex-
amine the relationship of the stellar mass to the gas mass, which
defines the star formation efficiency (or SFE). From a very sim-
plified view of the time evolution of the star formation process,
we can define the star formation efficiency in three ways. In the
first, the SFE is defined as the mass of all known young (pre-
main-sequence) stars divided by the total gas mass. Assuming an
average mass of 0.6 M# for each of the stars in our sample (fol-
lowing Palla & Stahler 2000) and a total molecular mass of 2:4 ;
104 M# (Table 3), the star formation efficiency thus defined is
0.6%.

In the second method, we define the SFE more strictly for the
current epoch, i.e., counting only the mass of protostars and of
dense gas (that in our mask 2 region). The SFE thus defined in
this more restricted sense is about 0.3%. For the thirdmethod, we
adopt a less physicallymotivated but procedurally simple approach
of defining the star formation efficiency to be the mass of all

Fig. 13.—Top: Magnetic field direction in Taurus superimposed on the 12CO
antenna temperature distribution integrated over the 5Y8 km s!1 velocity range,
chosen to emphasize striations and other fine structure. The line segments indicate
the direction of the magnetic field derived from observations of absorption by po-
larized dust grains; their length is proportional to the fractional polarization. The
horizontal bar at lower left in each panel indicates 5% fractional polarization.
Bottom: Magnetic field direction superimposed on the distribution of 13CO an-
tenna temperature integrated over the same velocity interval. The integrated inten-
sities for each panel in K km s!1 are indicated by the bar at the right.

7 We obtain essentially the same results using the data compiled by F. Palla,
which was also provided to us as a private communication.

MOLECULAR GAS IN TAURUS 439No. 1, 2008





Star Formation Rate

• 20% SFEff

Magnetic fields in star cluster formation 1831

Table 1. Ratio of brown dwarfs to stars formed in each of the
runs. Whilst there are at present only low number statistics for
both populations, there is some indication of a trend towards
fewer brown dwarfs relative to stars in the presence of strong
magnetic fields.

M/! NBDs Nstars Ratio

∞ 44 14 3.14
20 51 18 2.83
10 22 11 2.0
5 15 14 1.07
3 8 7 1.14

cruder statistics such as the ratio of stars to brown dwarfs formed in
each of the simulations, given in Table 1. From the table we see that
in the hydrodynamic and weak field runs there tends to be an excess
in the number of brown dwarfs relative to the number of stars, by
as much as a factor of 3. In contrast, in the magnetically dominated
runs, we find roughly equal numbers of stars and brown dwarfs. We
attribute this to the suppression of accretion in the stronger field
runs, leading to fewer protostars, fewer dynamical interactions and
thus fewer ejections of low-mass objects.

4.5 Star formation rate

The effect of the magnetic field in suppressing accretion from the
global cloud on to the star-forming cores is quantified in Fig. 8,
which shows the total mass in stars (i.e. the total mass of all gas
accreted on to sink particles) as a function of time in units of free-
fall times for the five runs which form stars (i.e. up to M/! =
3, with runs indicated by the legend). It is clearly apparent from
this figure that the mass accretion rate strongly anticorrelates with
magnetic field strength. Even with a very weak magnetic field
(M/! = 20), the accretion rate is clearly lower than the hydrody-
namic case up until the disc fragmentation which occurs at around
t/tff = 1.3 (Fig. 5).

Figure 8. Effect of the magnetic field on the star formation rate in each of
the five runs. The plot shows the total mass accreted on to sink particles as a
function of time in each of the calculations. A clear trend is visible in which
the accretion from the cloud is increasingly suppressed as the magnetic field
strength increases. The strongest field run (M/! = 3) shows a 75 per cent
reduction in the total mass accreted on to stars at t/tff = 1.5 compared to the
hydrodynamic case.

Figure 9. Mass above a particular density in the cloud as a function of
free-fall time for the five runs (lines as indicated in the legend), showing
the results for density values of 10−17 g cm−3 (top panel) and 10−15 g cm−3

(bottom panel). Again a clear trend is apparent towards lower mass infalling
rates with increasing magnetic field strength.

In the M/! = 10 case the accretion rate at early times (up to
∼t/tff = 1.35) is around half of that in the hydrodynamic run –
Ṁ ∼ 8.5 M$/tff compared to ṀHyd ∼ 16 M$/tff. The strong-field
runs (M/! = 5 and M/! = 3) both show very low initial accretion
rates Ṁ ∼ 3–4 M$/tff. The difference between the two is that the
accretion rate in the M/! = 5 run increases dramatically at around
t/tff = 1.25 as two relatively distant regions of the cloud undergo
gravitational collapse (further out than the regions shown in Fig. 5),
whereas this does not occur in the M/! = 3 run. In fact the accretion
rate between t/tff = 1.25–1.46 in the M/!= 5 run, Ṁ ∼ 14 M$/tff,
is only slightly lower than the average hydrodynamic rate. How-
ever, the low initial and later accretion rates mean that by t/tff = 1.5
there is around half of the mass in stars in the M/! = 5 run com-
pared to the hydrodynamic case (∼4 M$ compared to ∼8 M$, or a
50 per cent reduction). In the very strong field run the effect is even
more dramatic – by t/tff = 1.5 there is only around one quarter of
the mass in stars compared to the hydrodynamic case (∼2 M$ com-
pared to ∼8 M$, or a 75 per cent reduction in the mass converted
to stars).

As an illustration of the effect of magnetic fields in preventing
lower density gas from collapsing (and thus the effect on larger
scales) as suggested by Krumholz & Tan (2007) we plot the mass
above a particular density in the cloud as a function of time in Fig. 9.
The plot shown M(>ρ) for density values of ρ = 10−17 g cm−3 (top
panel) and ρ = 10−15 g cm−3 (bottom panel). A similar trend towards
lower mass infalling rates with increasing magnetic field strength is
also visible in these plots.

5 D I S C U S S I O N

We have performed a study of how magnetic fields affect the large-
scale collapse of turbulent molecular clouds to form star clusters,
computing a range of models with mass-to-flux ratios ranging from
highly to moderately supercritical (with a corresponding range in
the ratio of gas to magnetic pressure, β). Whilst even the weakest
field runs show differences when compared to the hydrodynamic
case (e.g. lower accretion rates, different star formation sequences),
strong differences in the gas dynamics were found to be present in
the runs where the magnetic pressure dominates the gas pressure

C© 2008 The Authors. Journal compilation C© 2008 RAS, MNRAS 385, 1820–1834



Hydrodynamical        Mass-to-flux ratio: 10      Mass-to-flux ratio: 5       Mass-to-flux ratio: 3

Upper panels: Without radiative feedback             Lower panels: With radiative feedback   

Radiation Magnetohydrodynamical Simulations
Price & Bate (2009)
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Figure 3. Total mass in stars (sink particles) as a function of time, show-

ing all eight calculations with (thick lines) and without (thin lines) radia-

tive transfer at four different magnetic field strengths: hydrodynamic (solid

black lines), M/Φ = 10 (dotted red lines), M/Φ = 5 (dashed blue lines),
and M/Φ = 3 (dot-dashed magenta lines). The star formation rate de-
creases with increasing magnetic field strength and with the addition of ra-

diative feedback. Note how the two curves for each magnetic field strength

track each other for some time before diverging, indicating that radiative

feedback only plays a role in suppressing subsequent fragmentation rather

than changing the initial pattern of star formation.

continued as far as we have been able to run the calculations in

each case (Figure 3).

The fact that the radiative feedback influences subsequent star

formation rather than the initial fragmentation is also evident from

Figure 3. In particular, the two curves corresponding to the same

magnetic field strength but with and without radiative transfer in

each case track each other closely after first sink formation, before

diverging at later times. Taking the M/Φ = 3 case as an example
(i.e. the lower two curves in Figure 3), and comparing the time evo-

lution in Figure 3 to the fragmentation sequence shown in Figure 5,

it may be observed that the two curves diverge when secondary disc

fragmentation occurs in the barotropic calculation (t ≈ 1.27 tff ),
leading to a burst of star formation (and subsequent ejection of low-

mass objects from the multiple system). In the radiative transfer

case, the disc does not fragment but instead continues to slowly

accrete onto the existing protostar.

Magnetic fields and radiation are also found to affect dif-

ferent densities in the cloud. Figure 4 shows the mass above a

given density threshold in the cloud as a function of time for

three different density thresholds, ρ > 10−17g cm−3 (bottom

panel), ρ > 10−14g cm−3 (middle panel), and ρ > 10−11g cm−3

(top panel), where solid lines correspond to calculations using a

barotropic EOS and dashed lines refer to calculations using radia-

tive transfer and, as in Figure 3, the lines form a sequence from

top to bottom with increasing magnetic field strength. At a den-

sity threshold of 10−17g cm−3 (bottom panel), whilst there is a

strong decrease in the mass collapsing to higher densities with in-

creasing magnetic field strength, there is almost no difference be-

tween the barotropic simulations and those with full radiative trans-

fer (i.e. comparing the solid and dashed lines), indicating that radia-

tive feedback plays very little role at these densities. At a threshold

of ρ > 10−14g cm−3 (middle panel) the results are similar (al-

Figure 4. The total mass above certain density thresholds in each col-

lapsing cloud as a function of time. From top to bottom the panels show

M(ρ > 10−17g cm−3) (approximately two orders of magnitude denser
than the original cloud density), M(ρ > 10−14g cm−3), and M(ρ >
10−11g cm−3) (i.e. above which most material is in protostars). The dif-
ferent lines are as in Figure 3. Thick lines denote those calculations with ra-

diative feedback, while thin lines are using the barotropic equation of state.

The line types and colours denote the magnetic field strength (also ordered

from top to bottom in each panel with progressively increasing magnetic

field strength). Magnetic fields can be seen to affect the collapse rate at all

density thresholds (all panels), while radiative feedback primarily prevents

fragmentation in the highest density regions of the cloud (top panel, com-

paring thin and thick lines).

though the overall masses are lower) apart from some divergence at

t ! 1.4tff in theM/Φ = 3 calculation. By contrast, at higher den-
sities (ρ > 10−11g cm−3, top panel), where the gas is optically-

thick to radiation, there are differences of up to∼ 50% in the mass

above this density between the barotropic and radiative transfer cal-

culations (the latter having systematically lower mass accumulation

rates) similar to the differences observed in Figure 3.

4.4 Dynamics

The effect of the reduced fragmentation on the dynamics of the

protostars due to the radiative feedback is illustrated in Figure 5,

showing a time sequence of the evolution in the strongest magnetic
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• Star formation rate decreases monotically with

• Increasing magnetic field strength

• Radiative feedback

• Observationally

• Evans et al. 2009

• Spitzer c2d survey, 5 clouds

• ~3-6% SFR/tff

• Numerical results

• 10-32% SFR/tff

• Strongest field, with                                                                
radiative feedback

• ~10% SFR/tff



Conclusions
• Hydrodynamical/sink particle simulations

• Statistics now good enough that meaningful comparison can be made with observations

• Reasonable multiplicity, separation distributions

• Too many brown dwarfs, too few unequal mass stellar binaries

• Radiative feedback has a huge effect even for low-mass star formation

• Number of objects reduced by factor ~4

• Fewer dynamical ejections, potentially solving the brown dwarf problem

• Without RT:   more brown dwarfs than stars

• With RT:        ~ 4:1 stars:brown dwarfs

• Radiative feedback also weakens the dependence of the IMF on the cloud’s mean Jeans mass

• The effects of magnetic fields are complicated

• Magnetic pressure can be more important than magnetic tension in inhibiting fragmentation

• Although magnetic tension is responsible for magnetic braking, it can aid binary formation

• Strong magnetic fields (plasma beta <1)

• Decrease the star formation efficiency, bringing it into line with observational estimates

• Do not seem to alter stellar masses much; rather decrease rate at which objects form

• Can produce large-scale voids and magnetic structures in the gas



• The Future:

• Self-gravitating radiation magnetohydrodynamical simulations

• Statistics as good or better than observational surveys

• This work was conducted as part of the EURYI scheme award.  See www.esf.org/euryi 

• It was also partially funded by a 2003 Philip Leverhulme Prize

• The calculations were performed on the UK Astrophysical Fluids Facility (UKAFF) and the University of Exeter Supercomputer


