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What has WMAP-1 done for us ?

Color codes temperature (intensity), here ±100μK
Temperature traces gravitational potential at the time of recombination, when the Universe was 

372 000 ±14000 years old 
The statistical analysis of this map entails detailed cosmological information
WMAP-1 has improved over COBE by a factor of 45 in sensitivity and 33 in angular resolution
The mission met all its requirements after the first year... ”Mission Accomplished!”... but...



What has WMAP-3 done for us?

... but the insights expected on Inflation theory (~10-18s after BB)  and the Universe reionization 
(364+124/-74 Myr) from large scale CMB polarization measurements were to tempting to not be 
pursued

WMAP-3 has now improved over COBE by a factor of 77 in sensitivity and 33 in angular resolution
WMAP-3 has measured the CMB polarization on very large angular scales
To do so required us to improve control the systematics at a level 50 times higher than originally 

proposed! 



Outline
Quick CMB primer

Update on WMAP and analysis improvements over the last 2 years

A case for large scale polarized CMB detection

Cosmological implications

Phenomenological success of ΛCDM cosmology

WMAP already addresses new set of questions risen by this success

I can’t cover it all now. Please ask questions.



CMB comes from t=380 000 
years after Big Bang  

Reionization

Today: 
13.7 Gyrs after Big Bang

The CMB  is a leftover from when 
the Universe was 380 000 yrs old

The Universe is expanding and cooling

Once it is cool enough for Hydrogen to 
form, (T~3000K, t~3.8 105 yrs), the 
photons  start to propagate freely (the 
Thomson mean free path is greater than 
the horizon scale) 

 This radiation has the imprint of the 
small anisotropies that grew by 
gravitational instability  into the large 
structures we see today
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Confronting sky maps with theoretical predictions
It is both theoretically sound and observationally supported to consider the CMB 

temperature fluctuations as a gaussian random field so that alm’s are Gaussian random 
variables

Thus sufficient to consider the power spectrum

Physics in the linear regime well described by a 3000K plasma photo-baryon fluid 
oscillating in dark matter potential wells

Sunyaev & Zeldovich 70
Peebles & Yu 70
Bond & Efstathiou 87
Hu & White 97 



The CMB is weakly polarized
Linear polarization of the CMB is:

Produced by Thomson scattering of a 
quadrupolar radiation pattern on free electrons
⇒probe recombination and reionization    

Partially correlated with temperature
(velocity pert. correlates with density pert.)

Two types of Polarization
Scalar perturbation to the metric produce E-

mode polarization
Tensor perturbations to the metric produce B-

mode polarization, i.e. Gravity waves

Polarization probes both perturbations 
themselves and ionization history

Numerical calculation show that the polarization 
fraction is weak, ~1% of only

All the statistical information is encoded in 4 
angular power spectra ClTT, ClEE, ClBB, ClTE

 e-

 e-



WMAP analysis 
over the last two years





WMAP primer

Precession rate: 1rph
22.5o half angle

Spin rate: 0.464rpm

A line of sight

B line of sight

Earth

SUN

Lagrange 
point L2

L2 orbit
Constant survey mode
Thermal stability
Passive cooling

Rapid and complex sky scan
Observe 30% of the sky every hour
Most of pixels are observed with evenly 

distributed orientations

Differential measurement only
Most of the common modes cancel
Two radiometers per feed

T1+T2 ∝ Intensity

T1-T2 ∝ Polarization

10 feeds,  20 DA total

5 microwave frequencies to monitor foregrounds 
  K, Ka,  Q,   V,  W bands
22, 33, 40, 60, 93 GHz

Accurate calibration on the cosmological dipole 
and beam measurements on Jupiter



Differential measurement and interlocked scanning strategy suppresses polarization systematics as 
for temperature.

No new systematics, but the weak nature of the spinorial polarized signal requires extra-care to 
avoid any coupling to the much stronger T field (100 times).

Non-trivial interactions between the slow drift gain, non-uniform weighting across the sky, time 
series masking, 1/f noise, galactic foregrounds, band-pass mismatch, off-set sensitivity and loss 
imbalance.

The handling of these effect had to be propagated from the map-making till the power-spectrum 
measurement. 

To understand them required numerous end-to-end simulations (enough to have good statistics). 
Most of 2004-5 was spent running those and realizing that the previous short-cuts did not work 
anymore. 

A new pipeline was eventually required and has been designed, written and optimized. 

We rely heavily on null tests in map (various frequency) and Cl space to assess the quality of this 
processing

Remarks on the analysis over the last 2 years
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Polarization maps

Ka band

K band

Q band

V band

W band

Color code P=(Q2+U2)1/2 smoothed with a 2o fwhm
Direction shown for S/N > 1



K band - 23 GHz



Ka band - 33 GHz



Q band - 41 GHz



V band - 61 GHz



W band - 94 GHz



Polarization mask

16 Page et al.
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FIG. 13.— Temperature maps of the low polarization components for K, Q, and W bands. The maps are computed using equation (16). The color scale is in
mK. Near the Galactic center, the low polarization component is approximately 6%, 3%, and 6% of the unpolarized emission in K, Q, and W bands respectively.
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FIG. 14.— The polarization masks, in Galactic coordinates, are shown for the P02, P04, P06, and P10 cut levels. The cross hatched region along the Galactic
plane, common to all polarization masks, shows the dust intensity cut. The P06 cut is outlined by the black curve. The masked sources are in violet. The North
Ecliptic Pole (NEP), and South Ecliptic Pole (SEP), and Galactic Center (GC) are indicated.

the efficacy of the subtraction with χ2 and by examining the
residuals as a function of frequency and multipole ", as de-
scribed in §5.2.
We use the K-band data to trace the synchrotron emission,

taking care to account for the (relatively weak) CMB signal

in the K-band map when fitting and subtracting the template.
For dust emission, we construct a model using Equation (15),
where we use the FDS dust model eight (Finkbeiner et al.
1999) evaluated at 94 GHz to trace the dust intensity, Idust.
We call this template-based foregroundmodel “KD3Pol”. We



Uncleaned power spectra
WMAP Year-3 Polarization Maps 21

FIG. 17.— The absolute value of the EE (solid, violet through green) and BB (dashed, violet through green) polarization spectra for the region outside the
P06 mask. The best fit ΛCDM model to TT, TE, and EE data with τ = 0.09 and an additional tensor contribution with r = 0.3 is shown in black. The cross
spectra have been combined into frequency bins according to Table 5 and into the following " bins: [2, 3, 4-5, 6-8, 9-15, 16-32, 33-101, 102-251, 252-502]. In
the presence of a dominant synchrotron spectrum, the averages over frequency are dominated by contributions from the lowest frequencies as can be seen by
comparing the above at " = 2 to Figure 18. Diamonds (EE) and boxes (BB) denote the data points that are negative. The points are plotted at their absolute value
to limit clutter. They should be interpreted as indicating the approximate noise level of the measurement. The 1σ upper bounds and downward arrows mark
points that are positive but consistent with zero. The general rise in the data for " > 100 is due to the large noise term. The red line corresponds to Equation 25
evaluated for ν = 60 GHz for the BB foreground emission.

grounds, the random uncertainty becomes

∆C2! =
2

(2!+1) f 2sky
[N2! +2N!F!] (27)

where F! is the foreground emission at each !. We plot only
the first term in Figures 17 & 18 to indicate the size of the
statistical error. Additionally, with the sky cut there is a noise-

foreground coupling between N
E,B
! and FE,B

!±2, and between

N
E,B
! andFB,E

!±1. This is analogous to the noise coupling shown
in Appendix C.

5.2. Power Spectrum of Foreground-Cleaned Maps Outside
the P06 Mask

We next discuss the power spectrum after removing the
foreground emission from the maps. Cleaning foregrounds
not only changes the mean of C!, but it reduces∆C! because
of the couplings. The choice of model makes little difference
to the conclusions. For all the following we have subtracted
the best fit KD3Pol Q and U templates from the Ka through
W maps (both r4 and r9 versions) as described in Section 4.
Table 5 shows the EE ! = 2 and BB ! = 5, the multipoles with
the largest foreground contributions, for both before and after
the subtraction. Where the foreground signal is dominant, the
subtraction can reduce its level by a factor of 6-10 in temper-
ature.
When we fit and subtract the foreground templates, we use

essentially all of the available data on polarized foreground

emission. The error bar on the power spectrum of the cleaned
maps is dilated in the cleaning process as discussed above. We
do not include an addition error for systematic uncertainty in
the model. Rather, by comparing spectra of pre-cleaned to
cleaned maps, we estimate that the model removes at least
85% of the synchrotron. This is demonstrated, for example,
in the KKa and KaKa combinations for ! = 2 EE in Table 5, in
the subtraction shown in Figure 15, and to a lesser degree by
the null EB and BB power spectra. We also note that to a good
approximation foreground emission adds only in quadrature
to CMB emission.
Figure 19 shows the power spectra of the foreground

cleaned maps as a function of frequency for ! = 2! 9. It also
shows what we estimate to be the maximum levels of resid-
ual foreground contamination in the power spectrum. In the
figure, we plot the synchrotron spectrum scaled to 0.15 of the
pre-cleaned Ka band value (in temperature). This shows that
there is negligible residual synchrotron from 40 to 60 GHz
with the possible exception of ! = 2 at 40 GHz. Given the
size of the ! = 2 error bar, this potential contribution to the
determination of the optical depth is negligible as discussed
in Section §6.1. Constraining the residual dust contamination
is more difficult. In Figure 19, we also show the MEM tem-
perature dust model scaled by 5%, a typical dust polarization
value. A similarly scaled FDS model is almost identical. This
shows that even if we did not model and subtract dust, the
contamination from it would not be large in Q and V bands.

Outside p06 mask

Foregrounds dominate over all l of 
interest and all frequencies unlike 
for temperature



Spiral magnetic field structures seen in external galaxies

Bi-symmetric Spiral model
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Reduction Factor for Synchrotron Reduction Factor for Dust

10

FIG. 8.— The left panel shows the geometric suppression factor, gsync(n̂), in the polarization due to the magnetic field geometry. In the region of low
polarization, gsync(n̂) is bounded to be greater than 0.2. The right panel shows a similar geometric suppression factor for polarized dust emission, gdust (n̂), see
§4.1.3.

K1 Polarization Amplitude K1 Polarization Prediction from Haslam

0.1T(mK)0

FIG. 9.— Left: The observed K-band polarization, P. The color scale ranges from 0 to 0.1 mK. Right: The model prediction of the K-band polarization based
on the Haslam intensity map. The model has one effective free parameter, the ratio of the homogeneous field strength to the total field strength as shown in
Equation 13. This plot shows the results for βs = !2.7 & q = 0.7.

|b|> 10◦, we limit the sample to the 1578 stars with heliocen-
tric distances greater than 500 pc. For |b| < 10◦, the model is
problematic because there is ample dust emission from dis-
tances further away than the stars sample.
We represent the starlight polarization data, (Q!,U!), in

terms of a polarization amplitude, P! and direction, γ!:

Q! =P! cos(2γ!)

U! =P! sin(2γ!) (14)

We then smooth the starlight data by convolving (Q!/P!) and
(U!/P!) with a Gaussian window with a FWHM of 9.◦2. The
smoothing is required because the measurements are coarsely
distributed. As a result, this dust model is applicable only for
# ! 15 and |b| > 10◦. Above, γ! describes the direction of
this smoothed starlight polarization field. We can quantify the
agreement between the starlight and WMAP K-band polar-
ization measurements by computing their correlation in each
pixel, z = cos(2(γ! ! γK) + π) where γK is the direction in K
band. Figure 11 shows a plot of the correlation as a function
of position. The median correlation coefficient is 0.72 im-
plying that the dust and K-band directions typically agree to
20◦. Because of noise in both the K-band and starlight maps,
this is an underestimate of the correlation. Nevertheless, the
correlation tells us that the basic model relating the starlight,
the dust, synchrotron emission, and the magnetic field agrees
with observations.

4.1.3. Thermal Dust Emission

Based on the detection of starlight polarization, thermal
dust emission is expected to be polarized at millimeter and
sub-millimeter wavelengths. Archaeops has detected polar-
ized thermal emission at 353 GHz (Benoît et al. 2004). An
extrapolation from this high frequency suggests that WMAP
should see polarized thermal dust emission at 94 GHz. Here,
we report on the WMAP detection of dust polarization at 94
GHz.
We generate a template for the dust polarization by using

the Maximum Entropy Method (MEM) dust intensity map
(Bennett et al. 2003a), the smoothed polarization direction
from the starlight, and the model geometric factor for the dust
layer:

Qdust(ν) = Idust(n̂)Πdgdust(n̂)cos(2γdust)

Udust(ν) = Idust(n̂)Πdgdust(n̂) sin(2γdust) (15)

where γdust = γ! +π/2 is the smoothed starlight polarization
direction. The geometric suppression factor for the dust, gdust ,
is computed along the same lines as gsync in Equation 12 and
is shown in Figure 8. To compute I(n̂) we assume the dust has
a scale height of 100 pc and a radial scale length of 3 kpc. To
find P(n̂) we use the BSS magnetic field model. The fractional
polarization, Πd = 0.05, is found with a best fit of the model
to the data. The uncertainty is estimated to be 50%.
Figure 12 compares this predicted pattern of polarization to

Polarized foregrounds predictions:
synchrotron radiation

WMAP Year-3 Polarization Maps 11

180°0°

FIG. 7.— Left: The angle of the magnetic field, γM = γPA +90.◦ , derived from the synchrotron radiation in the K-band map (smoothed with a 4◦ beam) shown in
Figure 3. (We do not distinguish between ±180◦ in the field direction.) The predominant low Galactic latitude magnetic field direction is parallel to the Galactic
plane (γM = 90

◦) and thus the synchrotron (and dust) polarization directions have γ ≈ 0◦. In the North Polar Spur region, the magnetic field is perpendicular
to the Galactic plane corresponding to γM ≈ 0◦ or 180◦. Note the large scale coherency of the field. Right: The predicted magnetic field direction given by a
simple model of the electron distribution and the bisymmetric spiral arm model (Equation 9) for the magnetic field.

the Galactic plane and the polarization projects into positive
StokesQ. Near the Galactic pole, the field lines all point along
the spiral arm direction. When projected into Q and U , this
leads to γ rotating around the pole. We assess the agreement
between the model field directions and the directions inferred
from the K-band polarization with the correlation coefficient
r = cos(2(γmodel !γdata)), and take the rms average over 74.3%
of the sky (outside the P06 mask described below). For our
simple model the agreement is clear: r = 0.76 for K band.
For a power law distribution of electrons moving in a ho-

mogeneous magnetic field, the polarization fraction is Πs =
(p+1)/(p+7/3)≈ 0.75 (Rybicki & Lightman 1979). Because
the field direction changes as one integrates along the line of
sight, there is a geometric suppression of the amplitude of the
polarization signal. We estimate this geometric suppression
as

gsync(n̂) =
P(n̂)

Πs I(n̂)
, (12)

where all quantities are determined from the model: P(n̂) =
√

Q2 +U2 and I is found by integrating the magnetic field
and cosmic ray distribution along the line of sight. The re-
sult is shown in Figure 8. This geometric reduction factor
ranges from unity to zero and is especially small in the Galac-
tic plane at longitudes near " = !100◦. When compared to the
K-band data, the model over suppresses the predicted polar-
ization near " = !100◦ so we enforce gsync ≥ 0.2. That is, we
globally set gsync = 0.2 where it is initially less than 0.2.

4.1.1. Comparison to Low Frequency Observations

The polarization of edge-on spirals NGC 891 and 4565,
which are similar to the Milky Way, has been measured by
Sukumar & Allen (1991). The observations are at 5 GHz and
thus probe primarily synchrotron emission. They find: (1) at
distances ≈ 2 kpc off the galactic plane the polarization frac-
tion can be ≥20%; and (2) in the plane, heights < 0.5 kpc,
the polarization fraction drops to <5%. Hummel et al. (1991)
show that (3) between 0.66 GHz and 1.5 GHz the spectral in-
dex ranges from βs = !2.5 in the plane to βs = !3.5 well off
the plane. WMAP observes qualitatively similar behavior in
K band.
At 408MHz, Haslam et al. (1982) have surveyed the Galac-

tic plane in intensity. At this frequency, synchrotron emission
dominates maps. We test the magnetic field model by extrap-

olating the 408 MHz measurements to 22 GHz (an extrapola-
tion of 40 in frequency and over 10,000 in amplitude):

Qmodel(n̂) =qIHas(n̂)

(

22

0.408

)βs

Πsgsync(n̂)cos(2γmodel)

Umodel(n̂) =qIHas(n̂)

(

22

0.408

)βs

Πsgsync(n̂) sin(2γmodel)(13)

where q is the ratio of the homogeneous field strength to the
total field strength. Note that the model effectively has only
one free parameter: an overall amplitude, which is described
by a degenerate combination of the spectral index, βs and q.
For βs = !2.7, the best fit value for q is 0.7. This implies that
the energy in the large scale field is roughly the same as the
energy in small scale fields, consistent with measurements of
external galaxies (Han & Wielebinski 2002) and studies of
dust polarization in the Milky Way (Jones et al. 1992).
Figure 9 compares the K band polarization signal to the ex-

trapolated 408 MHz maps. Given the simplicity of the model
(uniform cosmic ray spectral index, p, and a uniform BSS
field), the agreement is remarkably good. The largest devia-
tions are seen near spiral arms. Recent observations (Enomoto
et al. 2002) suggest that cosmic rays are accelerated in star-
forming regions. If most cosmic rays are accelerated in spiral
arms and then diffuse away from the arms, we would expect a
flatter spectral index in the arms, consistent with the observa-
tions. In Figure 10 we show that the radio loops (Berkhuijsen
et al. 1971) seen at 408 MHz, probably from supernovae or
“blowouts,” are also seen in the WMAP data.

4.1.2. Starlight Polarization and Polarized Dust Emission

Measurements of starlight polarization serve as a template
for the analysis of polarized microwave dust emission (Fos-
alba et al. 2002; Bernardi et al. 2003). We have combined
several catalogs of optical dust polarization measurements
(Heiles 2000; Berdyugin et al. 2001; Berdyugin & Teerikorpi
2002; Berdyugin et al. 2004) to construct a template for the
magnetic field direction in dusty environments. Since there
are significant variations in the dust column density, we only
use the measured direction to construct the dust template. The
dust layer has a scale height of 100 pc (Berdyugin & Teeriko-
rpi 2001; Drimmel & Spergel 2001). Observations toward the
Galactic poles suggest that most of the dust absorption oc-
curs within 200 pc. To select stars outside the dust column for

Based on a model in which a 
gas of cosmic rays electrons 
interact with a magnetic field 
following a bisymmetric spiral 
arm pattern 

Polarization directions

Polarization amplitude



Foreground cleaned maps
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pre-cleaned cleaned

Q Stokes

W-band

V-band

Q-band

Ka-band

20-20

FIG. 15.— The Ka, Q, V, and W band Q Stokes Parameter maps before and after foreground subtraction using the method outlined in §4.3. There is a possible
residual signal in W band though the noise is not yet sufficiently low to be certain. The U maps look similar. The cleaning for the cosmological analysis was
done outside the processing cut (Jarosik et al. 2006) and was based on the K-band maps and the starlight-based dust template. The over-subtracted dark regions
on the galactic plane are inside the processing cut.

follow Appendix A of Kogut et al. (2003).19

Fundamental symmetries in the production and growth of
the polarized signal select the possible configurations for the
CMB polarization. Scalar (density) perturbations to the mat-
ter power spectrum give rise to T and E modes. Tensor pertur-
bations (gravitational waves) give rise to T, E, and B modes
primarily at ! ! 20020. Both scalar and tensor perturbations

19 In this paper we do not use the rotationally invariant Q′ andU ′ of Kogut
et al. (2003).
20 At ! ! 70 primordial B modes are dominated by the gravitational lens-

can produce polarization patterns in both the decoupling and
reionization epochs. Vector perturbations 21 (both inside and
outside the horizon) are redshifted away with the expansion of
the universe, unless there are active sources creating the vec-
tor modes, such as topological defects. We do not consider

ing of E modes.
21 Vector modes are produced by purely rotational fluid flow. Based on

the fit of the adiabatic ΛCDM model to WMAP TT data, the contribution of
such modes is not large (Spergel et al. 2003). However, a formal search for
them has not been done.

WMAP Year-3 Polarization Maps 19

TABLE 4
COMPARISON OF χ2 BETWEEN PRE-CLEANED AND CLEANED

MAPS

Band χ2/ν Pre-cleaned χ2/ν Cleaned ν ∆χ2

Ka 10.65 1.20 6144 58061
Q 3.91 1.09 6144 17326
V 1.36 1.19 6144 1045
W 1.38 1.58 6144 -1229

Ka 2.142 1.096 4534 4743
Q 1.289 1.018 4534 1229
V 1.048 1.016 4534 145
W 1.061 1.050 4534 50

The top half of the table compares χ2/ν for the full-sky pre-cleaned
map to χ2/ν for full-sky cleaned map. The bottom half makes a
similar comparison for the region outside the P06 mask.

these modes here.
At the noise levels achievable with WMAP , the standard

cosmologicalmodel predicts that only the E mode of the CMB
polarization and its correlation with T will be detected. The
B-mode polarization signal is expected to be too weak for
WMAP to detect, while the correlations of T and E with B is
zero by parity. Thus the TB and EB signals serve as a useful
null check for systematic effects. The polarization of fore-
ground emission is produced by different mechanisms. Fore-
ground emission can have any mixture of E and B modes, it
can be circularly polarized (unlike the CMB), and E and B
can be correlated with T.
We quantify the CMB polarization anisotropy with theCTE! ,

CEE! , andCBB! angular power spectra, where

CXY! = 〈aX!maY∗!m〉. (21)

Here the “〈〉” denote an ensemble average, aT!m are the multi-
poles of the temperature map, and aE!m,aB!m are related to the
spin-2 decomposition of the polarization maps

[Q± iU](x̂) =
∑

!>0

!
∑

m=!!

∓2a!m∓2Y!m(x̂) (22)

via

±2a!m = a
E
!m± iaB!m (23)

(Zaldarriaga & Seljak 1997). The remaining polarization
spectrum combinations (TB, EB) have no expected cosmolog-
ical signal because of the statistical isotropy of the universe.
We compute the angular power spectrum after applying the

P06 polarization mask using two methods depending on the
! range. All power spectra are initially based on the single-
year r9 Q andU maps (Jarosik et al. 2006). For ! > 23 22, we
compute the power spectrum following the method outlined
in Hivon et al. (2002), and Kogut et al. (2003, Appendix A)
as updated in Hinshaw et al. (2006) and Appendix B.2. The
statistical weight per pixel is Nobs/σ20 where σ0 is the noise per
observation (Jarosik et al. 2006; Hinshaw et al. 2006). Here
Nobs is a 2x2 weight matrix that multiplies the vector [Q,U]
in each pixel

Nobs =

(

NQ NQU
NQU NU

)

, (24)

22 ! = 23 = 3Nside !1 is the Nyquist limit on !. For some analysis methods
(§D) we use HEALPix r3 for which nside = 2

3 = 8

where NQ, NU , and NQU are the elements of the weight arrays
provided with the sky map data. Note that the correlation be-
tween Q andU within each pixel is accounted for. We refer to
this as “Nobs weighting.” From these maps, only cross power
spectra between DAs and years are used. The cross spectra
have the advantage that only signals common to two indepen-
dent maps contribute and there are no noise biases to subtract
as there are for the auto power spectra. The covariance matri-
ces for the variousC! are given in Appendix C.3.
For ! < 23 we mask and degrade the r9 maps to r4 (see

the last paragraph of Appendix D and Jarosik et al. 2006) so
that we may use the full r4 inverse pixel noise matrix, N!1,
to optimally weight the maps prior to evaluating the pseudo-
C!. This is necessary because the maps have correlated noise
that is significant compared to the faint CMB signal. By “N!1

weighting” the maps, we efficiently suppress modes in the sky
that are poorly measured given the WMAP beam separation
and scan strategy (mostly modes with structure in the eclip-
tic plane). We propagate the full noise errors through to the
Fisher matrix of the power spectrum. For the spectrum plots
in this section, the errors are based on the diagonal elements
of the covariance matrix which is evaluated in Appendix B.
Figure 16 shows the effect that correlated noise has on the

low ! errors in the EE and BB spectra. The curves show the
diagonal elements of the inverse Fisher matrix (the C! errors)
computed in two ways: (1) assuming the noise is uncorre-
lated in pixel space and described byNobs (red) and (2) assum-
ing it is correlated and correctly described by N!1 (black).The
smooth rise in both curves toward low ! is due to the effects of
1/ f noise and is most pronounced in the W4 DA, which has
the highest 1/ f noise. The structure in the black trace is pri-
marily due to the scan strategy. Note in particular, that we ex-
pect relatively larger error bars on ! = 2,5,7 in EE and on ! = 3
in BB. We caution those analyzing maps that to obtain accu-
rate results, the N!1 weighting must be used when working
with the ! < 23 power spectra. For the Monte Carlo Markov
Chains (MCMC) and cosmological parameter evaluation, we
do not use the power spectrum but find the exact likelihood of
the temperature and polarization maps given the cosmological
parameters (Appendix D & Hinshaw et al. 2006).
For both r4 and r9 maps there are 15 MASTER cross power

spectra (see Table 5). For the full three-year result, we form
∑3

i,j=1 yi×yj/6 omitting the y1×y1, y2×y2, and y3×y3
auto power spectra. The noise per ! in the limit of no ce-
lestial signal, N!, is determined from analytical models that
are informed by full simulations for r9 (including 1/ f noise),
and from the full map solution for r4.

5.1. Power Spectrum of Foreground Emission Outside the
P06 Mask.

Figure 17 shows the EE and BB power spectra for the re-
gion outside the P06 mask, 74.3% of the sky, before any
cleaning. The 15 cross spectra have been frequency aver-
aged into four groups (Table 5) by weighting with the di-
agonal elements of the covariance matrix. Data are simi-
larly binned over the indicated ranges of !. It is clear that
even on the cut sky the foreground emission is non negligi-
ble. In K band, we find !(!+ 1)CEE!=<2!6>/2π = 66 (µK)2 and
!(!+ 1)CBB!=<2!6>/2π = 48 (µK)2, where ! =< 2! 6 > denotes
the weighted average over multipoles two through six. The
emission drops by roughly a factor of 200 in C! by 61 GHz
resulting in! 0.3 (µK)2 for both EE and BB. There is a “win-
dow” between ! = 4 and ! = 8 in the EE where the emission is

 Due to correlations between 
foregrounds, a map based cleaning  
is more powerful

 2 parameters fit only
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FIG. 25.— Plots of signal for TT (black), TE (red), EE (green) for the best fit model. The dashed line for TE indicates areas of anticorrelation. The cosmic
variance is shown as a light swath around each model. It is binned in ! in the same way as the data. Thus, its variations reflect transitions between ! bin sizes. All
error bars include the signal times noise term. The ! at which each point is plotted is found from the weighted mean of the data comprising the bin. This is most
conspicuous for EE where the data are divided into bins of 2≤ ! ≤ 5, 6≤ ! ≤ 49, 50≤ ! ≤ 199, and 200 ≤ ! ≤ 799. The lowest ! point shows the cleaned QV
data, the next shows the cleaned QVW data, and the last two show the pre-cleaned QVW data. There is possibly residual foreground contamination in the second
point because our model is not so effective in this range as discussed in the text. For BB (blue dots), we show a model with r = 0.3. It is dotted to indicate that
at this time WMAP only limits the signal. We show the 1σ limit of 0.17 µK for the weighted average of ! = 2" 10. The BB lensing signal is shown as a blue
dashed line. The foreground model (Equation 25) for synchrotron plus dust emission is shown as straight dashed lines with green for EE and blue for BB. Both
are evaluated at ν = 65 GHz. Recall that this is an average level and does not emphasize the !s where the emission is low.

where !x! is the data as shown in Figure 21, !xth! = BEE
! (τ̃ ) is the

model ΛCDM spectrum,

D! =
2

2#+1

1

f EEsky (#)
2
(BEE

! (τ̃ )+NEE
! )2 (31)

as in C.14, and NEE is the uncertainty shown in Figure 21 and
is derived from the MASTER spectrum determination. We
use the symbol τ̃ in this context because the likelihood func-
tion we obtain is not the full likelihood for τ . Uncertainties
in other parameters, especially ns, have been ignored and the
C! distribution is taken to be Gaussian. Thus L(τ̃ ) does not
give a good estimate of the uncertainty. Its primary use is as
a simple parametrization of the data. L(τ̃ ) is plotted in Fig-
ure 26 for the QV combination. We call this method “simple

tau.” Table 9 shows that simple tau is stable with data selec-
tion. One can also see that if the QQ component is removed
from the QV combination, τ increases slightly. This is an-
other indication that foreground emission is not biasing the
result. Additionally, one can see that removing # = 5,7 for all
band combinations does not greatly affect τ .
The optimal method for computing the optical depth is with

the exact likelihood (as in Appendix D). The primary benefits
are: it makes no assumptions about the distribution of C! at
each # but does assume that the polarization signal and noise
in the maps are normally distributed; it works directly in pixel
space, taking advantage of the phase relations between the T
and E modes both together and separately; and it is unbiased.
The only disadvantages are that it is computationally intensive

Final CMB spectra
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Fig. 22.— Angular power spectra CTT
l & CTE

l from the three-year WMAP data. top: The TT data are as
shown in Figure 16. The TE data are shown in units of l(l + 1)Cl/2π, on the same scale as the TT signal
for comparison. bottom: The TE data, in units of (l + 1)Cl/2π. This updates Figure 12 of Bennett et al.
(2003b).

 Simple flat ΛCDM model with 6 parameters (Ωcdm,Ωb,ns,As,h,τ) still an excellent fit 

 Despite smaller error bars, the χ2eff for TT improves from 1.09 (893 dof) to 1.068 (982 dof) and 
from 1.066 (1342 dof) to 1.041 for TT+TE (1410 dof)

 For T, Q, U maps, we have χ2eff=0.981 for 1838 pixels
 Previously discrepant points get closer
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Table 2: Power Law ΛCDM Model Parameters and 68% Confidence Intervals (ASZ = 0)
Parameter First Year WMAPext Three Year First Year WMAPext Three Year

Mean Mean Mean ML ML ML
100Ωbh2 2.38+0.13

−0.12 2.32+0.12
−0.11 2.23 ± 0.08 2.30 2.21 2.22

Ωmh2 0.144+0.016
−0.016 0.134+0.006

−0.006 0.126 ± 0.009 0.145 0.138 0.128
H0 72+5

−5 73+3
−3 74+3

−3 68 71 73
τ 0.17+0.08

−0.07 0.15+0.07
−0.07 0.093 ± 0.029 0.10 0.10 0.092

ns 0.99+0.04
−0.04 0.98+0.03

−0.03 0.961 ± 0.017 0.97 0.96 0.958
Ωm 0.29+0.07

−0.07 0.25+0.03
−0.03 0.234 ± 0.035 0.32 0.27 0.24

σ8 0.92+0.1
−0.1 0.84+0.06

−0.06 0.76 ± 0.05 0.88 0.82 0.77
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Fig. 3.— WMAP constraints on the reionization history. (Left) The 68% and 95% joint
2-d marginalized confidence level contours for x0

e − zreion for a power law Λ Cold Dark
Matter (ΛCDM) model with the reionization history described by equation 3 and fit to
the WMAP three year data. In equation 3 we assume that the universe was partially
reionized at zreion to an ionization fraction of x0

e, and then became fully ionized at z = 7.
(Right) The 68% and 95% joint 2-d marginalized confidence level contours for x0

e − ns

where τ has been fixed to be between 0.09 and 0.11. This figure shows that x0
e and ns

are nearly independent for a given value of τ , indicating that WMAP determinations
of cosmological parameters are not affected by details of the reionization history. Note
that we assume a uniform prior on zreion in this calculation, which favors models with
lower x0

e values in the right panel.
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Fig. 1.— The improvement in parameter constraints for the power-law ΛCDM

model (Model M5 in Table 3). The contours show the 68% and 95% joint 2-d
marginalized contours for the (Ωmh2, σ8) plane (left) and the (ns, τ) plane (right).

The black contours are for the first year WMAP data (with no prior on τ). The
red contours are for the first WMAP data combined with CBI and ACBAR

(WMAPext in Spergel et al. (2003)). The blue contours are for the three year
WMAP data only with the SZ contribution set to 0 to maintain consistency
with the first year analysis. The WMAP measurements of EE power spectrum

provide a strong constraint on the value of τ . The models with no reionization
(τ = 0) or a scale-invariant spectrum (ns = 1) are both disfavored at ∆χ2

eff = 8 for

5 parameters (see Table 3). Improvements in the measurement of the amplitude
of the third peak yield better constraints on Ωmh2.

Driven by 3d peakDriven by EE
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Fig. 1.— The improvement in parameter constraints for the power-law ΛCDM

model (Model M5 in Table 3). The contours show the 68% and 95% joint 2-d
marginalized contours for the (Ωmh2, σ8) plane (left) and the (ns, τ) plane (right).

The black contours are for the first year WMAP data (with no prior on τ). The
red contours are for the first WMAP data combined with CBI and ACBAR

(WMAPext in Spergel et al. (2003)). The blue contours are for the three year
WMAP data only with the SZ contribution set to 0 to maintain consistency
with the first year analysis. The WMAP measurements of EE power spectrum

provide a strong constraint on the value of τ . The models with no reionization
(τ = 0) or a scale-invariant spectrum (ns = 1) are both disfavored at ∆χ2

eff = 8 for

5 parameters (see Table 3). Improvements in the measurement of the amplitude
of the third peak yield better constraints on Ωmh2.
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Table 2: Power Law ΛCDM Model Parameters and 68% Confidence Intervals (ASZ = 0)
Parameter First Year WMAPext Three Year First Year WMAPext Three Year

Mean Mean Mean ML ML ML
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−0.12 2.32+0.12
−0.11 2.23 ± 0.08 2.30 2.21 2.22
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Fig. 3.— WMAP constraints on the reionization history. (Left) The 68% and 95% joint
2-d marginalized confidence level contours for x0

e − zreion for a power law Λ Cold Dark
Matter (ΛCDM) model with the reionization history described by equation 3 and fit to
the WMAP three year data. In equation 3 we assume that the universe was partially
reionized at zreion to an ionization fraction of x0

e, and then became fully ionized at z = 7.
(Right) The 68% and 95% joint 2-d marginalized confidence level contours for x0

e − ns

where τ has been fixed to be between 0.09 and 0.11. This figure shows that x0
e and ns

are nearly independent for a given value of τ , indicating that WMAP determinations
of cosmological parameters are not affected by details of the reionization history. Note
that we assume a uniform prior on zreion in this calculation, which favors models with
lower x0

e values in the right panel.
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−0.12 2.32+0.12
−0.11 2.23 ± 0.08 2.30 2.21 2.22

Ωmh2 0.144+0.016
−0.016 0.134+0.006

−0.006 0.126 ± 0.009 0.145 0.138 0.128
H0 72+5

−5 73+3
−3 74+3

−3 68 71 73
τ 0.17+0.08

−0.07 0.15+0.07
−0.07 0.093 ± 0.029 0.10 0.10 0.092

ns 0.99+0.04
−0.04 0.98+0.03

−0.03 0.961 ± 0.017 0.97 0.96 0.958
Ωm 0.29+0.07

−0.07 0.25+0.03
−0.03 0.234 ± 0.035 0.32 0.27 0.24

σ8 0.92+0.1
−0.1 0.84+0.06

−0.06 0.76 ± 0.05 0.88 0.82 0.77

1.0

0.8

0.6

0.4

0.2

0.0

5 10 15 20 25

x e

zreion

1.0

0.8

0.6

0.4

0.2

0.0

0.88 0.92 0.940.90 0.96 1.000.98 1.02

x e

ns

Fig. 3.— WMAP constraints on the reionization history. (Left) The 68% and 95% joint
2-d marginalized confidence level contours for x0

e − zreion for a power law Λ Cold Dark
Matter (ΛCDM) model with the reionization history described by equation 3 and fit to
the WMAP three year data. In equation 3 we assume that the universe was partially
reionized at zreion to an ionization fraction of x0

e, and then became fully ionized at z = 7.
(Right) The 68% and 95% joint 2-d marginalized confidence level contours for x0

e − ns

where τ has been fixed to be between 0.09 and 0.11. This figure shows that x0
e and ns

are nearly independent for a given value of τ , indicating that WMAP determinations
of cosmological parameters are not affected by details of the reionization history. Note
that we assume a uniform prior on zreion in this calculation, which favors models with
lower x0

e values in the right panel.
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Fig. 5.— The prediction for the small-scale angular power spectrum seen by ground-
based and balloon CMB experiments from the ΛCDM model fit to the WMAP data
only. The colored lines show the best fit (red) and the 68% (dark orange) and 95%
confidence levels (light orange) based on fits of the ΛCDM models to the WMAP data.
The points in the figure show small scale CMB measurements (Grainge et al. 2003;
Ruhl et al. 2003; Abroe et al. 2004; Kuo et al. 2004; Readhead et al. 2004a). The plot
shows that the ΛCDM model (fit to the WMAP data alone) can accurately predict the
amplitude of fluctuations on the small scales measured by ground and balloon-based
experiments.

Background Imager (CBI: Mason et al. (2003); Sievers et al. (2003); Pearson et al. (2003); Readhead
et al. (2004a)), the Very Small Array (VSA: Grainge et al. (2003); Slosar et al. (2003); Dickinson
et al. (2004)), the Arcminute Cosmology Bolometer Array Receiver (ACBAR: Kuo et al. (2004))
and BOOMERanG (Ruhl et al. 2003; Montroy et al. 2005; Piacentini et al. 2005) We do not
include results from a number of experiments that overlap in ! range coverage with WMAP as

WMAP “predicts” small scale CMB experiments



Cosmological contrasts... and yet concordance 

WMAP “predicts” low z mass distribution
(same for 2dF)
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predict significantly different galaxy power spectra (e.g., Blanchard et al. (2003)).

Using only the WMAP data, together with linear theory, we can predict the amplitude
and shape of the matter power spectrum. The band in Figure 6 shows the 68% confidence

interval for the matter power spectrum. Most of the uncertainty in the figure is due to
the uncertainties in Ωmh. The points in the figure show the SDSS Galaxy power spectrum

(Tegmark et al. 2004b) with the amplitude of the fluctuations normalized by the galaxy
lensing measurements and the 2dFGRS data (Cole et al. 2005). The figure shows that the
ΛCDM model, when normalized to observations at z ∼ 1100, accurately predicts the large-

scale properties of the matter distribution in the nearby universe. It also shows that adding
the large-scale structure measurements will reduce uncertainties in cosmological parameters.

Fig. 6.— The prediction for the mass fluctuations measured by galaxy surveys

from the ΛCDM model fit to the WMAP data only. (Left) The predicted power
spectrum (based on the range of parameters consistent with the WMAP-only
parameters) is compared to the mass power spectrum inferred from the SDSS

galaxy power spectrum (Tegmark et al. 2004b) and normalized by weak lensing
measurements (Seljak et al. 2005b). (Right) The predicted power spectrum is

compared to the mass power spectrum inferred from the 2dFGRS galaxy power
spectrum(Cole et al. 2005) with the best fit value for b2dFGRS based on the fit to
the WMAP model. Note that the data points shown are correlated.

When we combine WMAP with large-scale structure observations in subsequent sections,
we consider the combination of WMAP with measurements of the power spectrum from the

two large-scale structure surveys. Since the galaxy power spectrum does not suffer the
optical depth-driven suppression in power seen in the CMB, large scale structure data gives

an independent measure of the normalization of the initial power spectrum (to within the
uncertainty of the galaxy biasing and redshift space distortions) and significantly truncates

the {τ, ωb, As, ns} degeneracy. In addition the galaxy power spectrum shape is determined
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Fig. 7.— Prediction for the mass fluctuations measured by the CFTHLS weak-

lensing survey from the ΛCDM model fit to the WMAP data only. The blue,
red and green contours show the joint 2-d marginalized 68% and 95% confidence

limits in the (σ8, Ωm) plane for for WMAP only, CFHTLS only and WMAP
+ CFHTLS, respectively, for the power law ΛCDM models. All constraints

come from assuming the same priors on input parameters, with the additional
marginalization over zs in the weak lensing analysis, using a top hat prior of
0.613 < zs < 0.721 . While lensing data favors higher values of σ8 ! 0.8 − 1.0 (see

§4.1.7), X-ray cluster studies favor lower values of σ8 ! 0.7 − 0.8 (see §4.1.9).

CFHTLS current analysis
22 sq degree
Down to a magnitude i’=24.5

Hoekstra et al. 05
Sembolini et al. 05

Weak lensing really 
starts to hold its 
promises even if slight 
tension here



Where are we now?
The current “phenomenological” success means:

The primordial inhomogeneities are mostly adiabatic with a nearly scale invariant 
power spectrum

We have a successful GR based theory of linear perturbations to evolve them

We have a good description of the main components even if we do not know 
what they are

We can now ask various sets of questions:

Ask question within the model
What else can we learn about the components of the 

model, eg neutrino?
What is Dark Energy?
What is Dark Matter?
Did the Universe really undergo an Inflationary phase? 

First stars and how did the Universe get reionized?

Explore further the data and look for “anomalies”, ie 
deviations from this model
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Fig. 19.— Joint two-dimensional marginalized contours (68% and 95% confi-
dence levels) of (σ8, mν) for WMAP only (left panel), Model M7 in Table 3, and

WMAP+SDSS (right panel). By measuring the growth rate of structure from
z = 1088 to z ! 0, these observations constrain the contribution of non-relativistic

neutrinos to the energy density of the universe.
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Table 10: Constraints on Neutrino Properties
Data Set

∑

mν (95% limit for Nν = 3.02) Nν

WMAP 2.0 eV(95% CL)
WMAP + SDSS 0.91 eV(95% CL) 5.92+0.25

−3.45

WMAP + 2dFGRS 0.87 eV(95% CL) 2.68+0.26
−1.67

CMB + LSS +SN 0.68 eV(95% CL) 3.29+0.45
−2.18

7.2.2. Number of Relativistic Species

If there are other light stable neutral particles (besides the three light neutrinos and the

photon), then these particles will affect the CMB angular power spectrum and the evolution
of large-scale structure. Because of the details of freeze-out at electron-positron annihilation
(Gnedin & Gnedin 1998), the effective number of neutrino species is slightly greater than

3. Any light particle that does not couple to electrons, ions and photons will act as an
additional relativistic species. For neutrinos, we can compute their effects accurately as

their temperature is (4/11)1/3 of the CMB temperature. For other relativistic species, the
limit on N eff

ν − 3.022 can be converted into a limit on their abundance by scaling by the
temperature.

The shape of the CMB angular power spectrum is sensitive to the epoch of mat-

ter/radiation equality. If we increase Nν , the effective number of neutrino species, then
we will need to also increase the cold dark matter density, Ωch2, and slowly change other

parameters to remain consistent with the WMAP data (Bowen et al. 2002). In addition, the
presence of these additional neutrino species alters the damping tail and leaves a distinctive
signature on the high ! angular power spectrum (Bashinsky & Seljak 2004) and on the small

scale matter power spectrum.

The high matter density also alters the growth rate of structure, thus, the combination
of large-scale structure and CMB data constrains the existence of any new light relativistic
species. These limits constrain both the existence of new particles and the interaction prop-

erties of the neutrino (Bowen et al. 2002; Hall & Oliver 2004). Hannestad (2001) used the
pre-WMAP CMB and large-scale structure data to place an upper limit of Nν < 17. After

the release of the first year WMAP data, several authors (Hannestad 2003; Pierpaoli 2003;
Barger et al. 2003; Crotty et al. 2003; Elgarøy & Lahav 2003; Barger et al. 2004; Hannestad
2005) used the combination of WMAP, 2dFGRS and various external data to reduce this

limit by a factor of 2-3. Table 10 shows the maximum likelihood estimate of the number of
neutrino species for different data set combinations using the new WMAP data. The SDSS
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Fig. 16.— Constraints on w, the equation of state of dark energy, in a flat universe,
Model M6 in Table 3, based on the combination of WMAP data and other

astronomical data. We assume that w is independent of time, but include density
and pressure fluctuations in dark energy with the speed of sound in the comoving

frame equal to the speed of light, c2
s = 1. In all of the figures, WMAP data only

constraints are shown in black solid lines and WMAP + astronomical data set
in red. The contours show the joint 2-d marginalized contours (68% and 95%

confidence levels) for Ωm and w. (Upper left) WMAP only and WMAP + SDSS.
(Upper right) WMAP only and WMAP + 2dFGRS. (Lower left) WMAP only and

WMAP+SNgold. (Lower right) WMAP only and WMAP+SNLS. In the presence
of dark energy fluctuations, the ISW effect at ! < 10 is nearly canceled by dark

energy fluctuations and thus the WMAP data alone do not place significant
constraints on w.
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Table 9: Constraints on w in Flat Cosmologies With Different Assumption About Dark
Energy Clustering

Data Set with perturbations no perturbations

WMAP + SDSS −0.75+0.18
−0.16 −0.69+0.19

−0.18

WMAP + 2dFGRS −0.914+0.193
−0.099 −0.877+0.094

−0.110

WMAP + SNGold −0.944+0.076
−0.094 −0.940+0.071

−0.092

WMAP + SNLS −0.966+0.070
−0.090 −0.984+0.066

−0.085

CMB+ LSS+ SN −0.926+0.051
−0.075 −0.915+0.049

−0.075

position and fixed peak heights (which determine Ωmh2) confine our models to a narrow

valley in the (Ωm, w) likelihood surface as shown in Figure 15 and 16. The figures show that
the 3 year data enable a more accurate determination of Ωmh2 which narrows the width

of the degeneracy valley. The pair of figures show that CMB data can place strong limits
on models with w < −1 and non-clustering dark energy. On the other hand, if the dark
energy is a matter component that can cluster, even meagerly, as is the case for scalar field

theories where c2
s=1, then this clustering counters the suppression of perturbation growth

during the accelerative epoch and the quadrupole’s magnitude is reduced. This lessens the

discriminating power of the quadrupole for measuring w: while CMB data rules out the
w << −1 region in Figure 15, it does not constrain models in the same region in Figure 16.

It’s interesting to note that if we relax the assumption of spatial flatness allowing for
ΩK "= 0 a universe with a negative equation of state, close to w = −1 is still preferred by

the data, as shown in figure 17.

7.2. Neutrino Properties

7.2.1. Neutrino Mass

Both atmospheric neutrino experiments and solar neutrino experiments show that neu-

trinos are massive and that there is significant mixing between the various neutrino interac-
tion eigenstates (see Mohapatra et al. (2005) for a recent review). These experiments measure
the difference between square of the neutrino masses, m2

νi
− m2

νj
, rather than the mass of

individual neutrino mass eigenstates. Cosmological measurements nicely complement these
measurements by constraining

∑

i mνi
. Since light massive neutrinos do not cluster as ef-

fectively as cold dark matter, the neutrino mass has a direct impact on the amplitude and

With DE perturbations
but fixed cs2 (cf Bean & Doré 03)

Dark Energy
Constraints on constant DE equation of state w=p/ρ
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Fig. 17.— Constraints on a non-flat universe with quintessence-like dark energy

with constant w (Model M10 in Table 3). The contours show the 2-d marginalized
contours for w and Ωk based on the the CMB+2dFGRS+SDSS+supernova data
sets. This figure shows that with the full combination of data sets, there are

already strong limits on w without the need to assume a flat universe prior.
The marginalized best fit values for the equation of state and curvature are

w = −1.062+0.128
−0.079 and Ωk = −0.024+0.016

−0.013 at the 68% confidence level.

w + curvature

w + neutrino
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Fig. 18.— Constraints on a flat universe with quintessence-like dark en-

ergy and non-relativistic neutrinos. The contours show the 2-d marginal-
ized contours for the mass of non-relativistic neutrinos, mν, and the

dark energy equation of state, w, assumed constant, based on the the
CMB+2dFGRS+SDSS+supernova data sets. The figure shows that with the

combination of CMB+2dFGRS+SDSS+supernova data sets, there is not a
strong degeneracy between neutrino and dark energy properties. Even in this
more general model, we still have an interesting constraint on the neutrino mass

and equation of state:
∑

mν < 1.0 eV(95% CL) and w = −1.06+0.13
−0.10 (68% CL). This

suggests that the astronomical dark energy and neutrino limits are robust even

when we start to consider more baroque models.



Inflation was introduced to solve the problems of the “standard Big Bang” 
model like flatness and the horizon problem

Key feature: during an extended period of time, the universe is expanding 
exponentially. Fluctuations are generated during this phase

This is achieved by introducing in the matter sector (a) new scalar field(s) Φ 
with a well chosen potential V(Φ)

For a given V(Φ) there are relations between derivatives of V and 
observables like ns , r and dns /dlnk

Testing Inflation is mostly testing these consistency relations

What is Inflation?

Guth 81, Sato 81, Linde 82, Albrecht & Steinhardt 82
Guth & Pi 82, Starobinsky 82, Mukhanov & Chibisov 81, Hawking 82, Bardeen et al. 83

Linde 05, Lyth & Riotto 99 for reviews



Most of Inflation predictions, in the 80s, when there were few evidences for any of those idea

Flatness ⇒ TOCO, MAXIMA, BOOMERANG, WMAP...

Primordial perturbations nearly scale invariant ⇒ COBE (ns = 1.2±0.3 - Gorski et al. 96)

Gaussianity of fluctuations ⇒WMAP-1

Adiabatic initial perturbations ⇒WMAP-1

Super-Horizon perturbations ⇒ WMAP-1 (TE at l~100)

Deviation from scale invariance  ⇒ WMAP-3

Tensor perturbations, i.e. Gravity Wave Background ⇒ WMAP-8 ?, Planck?, Spider?, Biceps?

What are Inflation predictions? 



Spectral index, tensor modes and Inflation

These models predict almost no running

Consistency relations
V (φ) ∝ φα r ! 4α

N
1−ns =

α+2
2N

∆2
R(k) =

(
k
k0

)ns−1

where

Similar 
constraints for 
B03+ACBAR
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Do we see a running spectral index?

Consistent trend but weak signal so far
WMAP and LSS probe almost the same scales currently
The trends come ~equally from the low l points and the high l points
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Fig. 12.— Joint two-dimensional marginalized contours (68% and 95%) for infla-
tionary parameters, (r, ns) (left panel) and (r, dns/d ln k) (right panel), for Model

M11 in Table 3, with parameters defined at k = 0.002 Mpc−1. (Upper) WMAP
only. (Middle) WMAP+SDSS. (Bottom) WMAP+CBI+VSA. Note that ns > 1
is favored because r and ns are defined at k = 0.002 Mpc−1. At k = 0.05 Mpc−1

ns < 1 is favored. The data do not require the running spectral index, dns/d ln k,
at more than the 95% confidence level.

d ln∆2
R(k)

d lnk
= ns(k0)−1+

dns

d lnk
ln(k/k0)

Similar 
constraints for 
B03+ACBAR



Testing flatness
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Table 11: Joint Data Set Constraints on Geometry and Vacuum Energy
Data Set ΩK ΩΛ

WMAP + h = 0.72 ± 0.08 −0.003+0.013
−0.017 0.758+0.035

−0.058

WMAP + SDSS −0.037+0.022
−0.014 0.650+0.058

−0.045

WMAP + 2dFGRS −0.0057+0.0085
−0.0064 0.739 ± 0.028

WMAP + SDSS LRG −0.008+0.011
−0.015 0.729+0.021

−0.026

WMAP + SNLS −0.015+0.021
−0.016 0.719+0.023

−0.028

WMAP + SNGold −0.017+0.020
−0.019 0.703+0.036

−0.032
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Fig. 21.— Joint two-dimensional marginalized contours (68% and 95%) for mat-
ter density, Ωm, and vacuum energy density, ΩΛ for power-law CDM models

with dark energy and dark matter, but without the constraint that Ωm + ΩΛ = 1
(model M10 in Table 3). The panels show various combinations of WMAP and
other data sets. While models with Ωm = 0.415 and ΩΛ = 0.630 are a better fit

to the WMAP three year data alone than the flat model, the combination of
WMAP three year data and other astronomical data favors nearly flat cosmolo-

gies. (Upper left) WMAP+HST key project measurement of H0. (Upper right)
WMAP+SDSS LRG measurement of the angular diameter distance to z = 0.35.

(Middle left) WMAP+SNLS data. (Middle right) WMAP+SNGold. (Lower left)
WMAP+2dFGRS. (Lower right) WMAP+SDSS. Note that for this figure we as-
sume a flat prior on H0.



Conclusions

WMAP has now produced well characterized temperature and polarization maps

After removing the galactic foregrounds, WMAP has detected EE and TE signatures of 
reionization with optical depth of  0.09

Simple flat ΛCDM cosmological model has survived its most rigorous test and challenges 
fundamental physics

Data favors red spectral index (with values consistent with simple inflationary models) over 
Harrison-Zeldovich Peebles spectrum

The combination of WMAP data and other astronomical data now places even stronger 
constraints on the density of dark matter and dark energy, the properties of neutrinos, the 
properties of dark energy and the geometry of the Universe 

All the data and the derived products (time ordered data, maps, noise covariance matrices, 
likelihood codes, Markov chains) are all available on Lambda http://lambda.gsfc.nasa.gov . 
We are looking forward your analysis!
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